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FIG. 1: The GW event GW170814 observed by LIGO Hanford, LIGO Livingston and Virgo. Times are shown from August 14, 2017,
10:30:43 UTC. Top row: SNR time series produced in low latency and used by the low-latency localization pipeline on August 14,
2017. The time series were produced by time-shifting the best-match template from the online analysis and computing the integrated
SNR at each point in time. The single-detector SNRs in Hanford, Livingston and Virgo are 7.3, 13.7 and 4.4, respectively. Second row:
Time-frequency representation of the strain data around the time of GW170814. Bottom row: Time-domain detector data (in color),
and 90% confidence intervals for waveforms reconstructed from a morphology-independent wavelet analysis [13] (light gray) and BBH
models described in the Source Properties section (dark gray), whitened by each instrument’s noise amplitude spectral density between
20Hz and 1024Hz. For this figure the data were also low-passed with a 380Hz cutoff to eliminate out-of-band noise. The whitening
emphasizes different frequency bands for each detector, which is why the reconstructed waveform amplitude evolution looks different
in each column. The left ordinate axes are normalized such that the physical strain of the wave form is accurate at 130Hz. The right
ordinate axes are in units of whitened strain, divided by the square root of the effective bandwidth (360 Hz), resulting in units of noise
standard deviations.

DETECTORS

LIGO operates two 4 km long detectors in the US,
one in Livingston, LA and one in Hanford, WA [14],
while Virgo consists of a single 3 km long detector near
Pisa, Italy [15]. Together with GEO600 located near
Hanover, Germany [16], several science runs of the initial-
era gravitational wave network were conducted through
2011. LIGO stopped observing in 2010 for the Advanced
LIGO upgrade[1]. The Advanced LIGO detectors have
been operational since 2015 [17]. They underwent a se-
ries of upgrades between the first and second observation
runs [4], and began observing again in November 2016.

Virgo stopped observing in 2011 for the Advanced Virgo
upgrade, during which many parts of the detector were re-
placed or improved [6]. Among the main changes are an
increase of the finesse of the arm-cavities, the use of heav-

ier test mass mirrors that have lower absorption and better
surface quality [18]. To reduce the impact of the coating
thermal noise [19], the size of the beam in the central part
of the detector was doubled, which required modifications
of the vacuum system and the input/output optics [20, 21].
The recycling cavities are kept marginally stable as in the
initial Virgo configuration. The optical benches support-
ing the main readout photodiodes have been suspended and
put under vacuum to reduce impact of scattered light and
acoustic noise. Cryogenic traps have been installed to im-
prove the vacuum level. The vibration isolation and suspen-
sion system, already compliant with the Advanced Virgo
requirement [22, 23], has been further improved to allow
for a more robust control of the last-stage pendulum and
the accommodation of baffles to mitigate the effect of scat-
tered light. The test mass mirrors are currently suspended
with metallic wires. Following one year of commissioning,



“astrophysical” black holes  

a fil rouge ? 
universality?

stellar black holes supermassive black holes



• the first detection of two stellar black holes coalescing in a single black 
hole 

• the first measure of the black hole masses, mass and spin of the new 
black hole and luminosity distance 

• Gravity in vacuum GR is mass-scale free - beauty - simplicity - 
universality of the GW signal can be “scaled” to describe the 
coalescence of massive black holes - shift in GW frequencies down to 
the mHz band 

GW150914 The LIGO and VIRGO  
Scientific Collaboration



•understand the conditions under which gravitational equilibria of 
baryonic matter lose their stability irreversibly forming a black hole 

•infer the mass spectrum of “single” black holes  

•GW sources @ merger: understand the formation of “binary black 
holes” - the “dissipative processes” of non-GW nature that guide 
the formation of a “tight binary”fated to coalesce on timescales 
shorter 13 Gyrs

new messenger (GWs): the gravitational wave universe  
to unveil the genesis and growth of black holes  

in different astrophysical sites and across all cosmic epochs



•stellar origin black holes

GW ASTRO-PHYSICS 
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• there are no baryonic microphysical states in nuclear physics  
capable to overcome gravity and reverse the collapse of an iron core 
with  mass exceeding the maximum mass of neutron star 

• TOV - non linear gravity beautifully confirmed by EM observations 

• pair instability gap - severe mass losses and explosions with no relics 
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• with LIGO-Virgo detections in the GWverse we have a new 
landscape: much broad mass spectrum  - the heaviest sBH 
has 36 solar masses  

• metallicity



Merging black hole binaries 9

Figure 9. Mass distribution of primary (left-hand column) and secondary members (right-hand column) of merging BHBs in the eight
simulation sets. Line colours (from red to violet) correspond to decreasing metallicity (from Z = 0.02 to Z = 0.0002). From top to bottom:
MOBSE1 D, MOBSE1 D1.5, MOBSE1 D0.02, and MOBSE1 R. See Table 1 for details on each simulation. The vertical lines on the
left-hand (right-hand) column are the mass of the primary (secondary) BH in GW151226, GW150914 (Abbott et al. 2016a), GW170104
(Abbott et al. 2017) and GW170814 (The LIGO Scientific Collaboration et al. 2017). The error bars show the uncertainties on each mass
( at the 90 per cent credible level).

The masses of merging BHBs predicted by MOBSE1 are re-
markably similar to those predicted by MOBSE2. This fun-
damental di↵erence between merging BHBs and other BHBs
holds for all eight sets of simulations performed in this paper,
included those which are not shown in Figures 7 and 8. This
happens because the most massive BHBs in MOBSE1 come
from massive (⇠ 60� 80 M�) progenitors which die as red
super-giant stars. Thus, all such BHBs form with very large
semi-major axis (otherwise their progenitors merge prema-
turely, due to their large radii) and cannot merge within a
Hubble time.

Figures 7 to 8 also show that the number of BHBs scales
inversely with the metallicity of the progenitors. This trend

is particularly strong if we consider only merging BHBs. This
result originates from several factors. At higher metallicity,
stars radii are larger, and thus a larger fraction of bina-
ries merge before becoming a BHB. Moreover, we assume
stronger SN kicks for lower BH masses. Thus, SN kicks are
more e�cient in unbinding light binaries, which are more
common at high metallicity.

Figure 9 shows the distribution of masses of the primary
BH (i.e. the most massive one) and of the secondary BH
(i.e. the least massive one) for all merging BHBs in the four
runs with MOBSE1. Figure 10 is the same for the four runs
with MOBSE2. There are no significant di↵erences between
merging BHB masses in MOBSE1 and MOBSE2, regard-

MNRAS 000, 1–17 (2017)
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binary black holes in galactic fields
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• star clusters of 10 million stars can be sites of formation of 

“intermediate mass black holes” (IMBHs) with masses in 
excess of 100 M⊙ 

Z = 1%Z�

M ⇠ [200� 300]M�

from Spera+2017 models



•massive black holes

GW ASTRO-PHYSICS 



•EM observations: massive black holes evolve jointly 
with galaxies  

•combining data from the unresolved X-ray 
background light resulting from AGN with those on 
the local census of silent black holes (from the M-
sigma relation)                                                        
supermassive black holes have grown mainly by 
radiatively efficient accretion during the last e-folding 
time, below z~3 

•supermassive black holes weighing billion suns (QSOs) 
are in place @ z~7 

•concept of “seeds”-  “intermediate mass”black 
holes forming at high redshifts under extreme 
conditions  

•“seeds” are transitional objects since they interact 
with the environment and grow through accretion 
and mergers   soon after they form - need of high-z 
observations                            



•“light”seeds - relic of massive POP III stars or/and  
from  runaway-(merging)stars in dense nuclear star 
clusters 

•“heavy”seeds - quasi-stars - super-massive stars 
GR unstable when reaching a critical binding 
energy of 10 54 ergs -  from the direct collapse of 
massive clouds in atomic-cooling-dark-matter halos 
illuminated by UV flux from adjacent star forming 
regions 

light 
seeds

heavy  
seeds

104 <
mDCBH

M�
< 105150 <

mBH,⇤
M�

< 103

2

Fig. 1.— Baryon collapse at the center of a z ∼ 15 protogalaxy in a LW UV background in the Enzo AMR code (Whalen et al. 2013f).
Left: the formation of an atomically-cooled disk at the center of the nascent galaxy at 10,000 yr. Right: the breakup of the disk into several
supermassive fragments shortly thereafter. The scale is ∼ 2000 AU.

possibility is that the fragment forms a supermassive star
(Fuller et al. 1986). In most cases these stars collapse
directly to black holes. Another possibility is that the
core of the star becomes a black hole whose radiation
supports the upper, convective layers of the star against
collapse. The result is a ”quasistar” that appears to an
external observer to be a large, cool star that is pow-
ered by a black hole at its center rather than by a fu-
sion core (Begelman et al. 2006, 2008; Begelman 2010;
Volonteri & Begelman 2010). There is some question as
to whether a quasistar could be stable because because a
jet from the BH could rupture the upper layers of the star
and destabilize its envelope, but the final result would be
the same: a 104 - 105 M⊙ SMBH seed.
The fragment could instead collapse quasistatically

with intermittent nuclear burning without ever entering
the main sequence. If it has enough angular momentum
a black hole accretion disk (BHAD) system might form
form at its center. In this case most of the fragment even-
tually falls into the BH, perhaps with the formation of a
strong wind that drives nuclear burning in the disk and
blows some heavy elements out of the clump. However,
if infall onto the fragment is heavy during its collapse it
may be difficult to form a standard, geometrically thin
accretion disk because this would require photon leakage
times (radiative cooling times) to be shorter than the ac-
cretion (inflow) times, an ordering of time scales that is
unlikely under these circumstances.
If a supermassive star forms in these conditions its ra-

diation may not halt accretion and it too may evolve
under heavy infall over its entire life (Johnson et al.
2012). In contrast, lower-mass Pop III stars usually
disperse baryons from their halos (Whalen et al. 2004;
Kitayama et al. 2004; Alvarez et al. 2006; Abel et al.
2007; Wise & Abel 2008; Whalen & Norman 2008b,a).
Other mechanisms for massive fragmentation and SMBH
seed formation have been proposed, such as the
suppression of gas cooling by primordial magnetic
fields (Sethi et al. 2010) and cold accretion shocks
(Inayoshi & Omukai 2012).
We have found that for a narrow range of mass

around 55,000 M⊙, atomically-cooled fragments can set-
tle into stable nuclear burning and become supermassive
stars with lifetimes of ∼ 2 Myr (Heger & Chen 2013).
These stars die as extremely energetic thermonuclear
SNe, with energies of ∼ 1055 erg, or 100 times those
of 65 - 260 M⊙ Pop III PI SNe (Rakavy & Shaviv 1967;
Barkat et al. 1967; Heger & Woosley 2002; Bromm et al.
2003; Kitayama & Yoshida 2005; Gal-Yam et al. 2009;
de Souza et al. 2011a; Vasiliev et al. 2012) (see also
Montero et al. 2012). Such events would be the most
energetic explosions in the cosmos, and their detection
could reveal the birthplaces of SMBHs created by di-
rect collapse, since LW protogalaxies are the only envi-
ronments known to form such massive clumps at z ∼

15. Could such SNe be discovered by existing or fu-
ture observatories? Whalen et al. (2013b, 2012) recently
found that 140 - 260 M⊙ Pop III PI SNe will be de-
tected in the NIR out to z ! 30 by the James Webb
Space Telescope ((JWST ) Gardner et al. 2006) and to
z ∼ 15 - 20 in all-sky surveys by the Wide Field In-
frared Survey Telescope (WFIRST ) and the Wide Field
Imaging Surveyor for High Redshift (WISH ) (see also
Wise & Abel 2005; Scannapieco et al. 2005; Fryer et al.
2010; Kasen et al. 2011; Hummel et al. 2012; Pan et al.
2012a,b; Whalen et al. 2013c,a; de Souza et al. 2013).
However, supermassive SNe might occur in very dense ac-
cretion envelopes that quench their luminosities at early
times, when the greatest fraction of their flux is red-
shifted into the NIR. It is not clear if explosions could be
detected.
We present numerical simulations of light curves, spec-

tra and NIR signals of 55,500M⊙ Pop III SNe at 7 < z <
30 done with the Los Alamos RAGE and SPECTRUM
codes. We consider only the observational signatures of
these events, and defer detailed discussion of progeni-
tor evolution, explosive nucleosynthesis and multidimen-
sional mixing to Heger & Chen (2013). The effects of
these explosions on the protogalaxies that host them
are examined in Johnson et al. (2013b), Whalen et al.
(2013d), and Whalen et al. (2013e). In Section 2 we re-
view our numerical methods for evolving the star, its

Volonteri 2019 Latif & Ferrara 2015, Colpi 2018
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light SEEDS

•if massive black holes form from light seeds then the only collapse 
to a BH occurring in Nature would be driven by the concept of 
instability at the maximum mass of a neutron star 
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•cosmological perspective - evolving universe

GW ASTRO-PHYSICS 



0

20

R
ED
SH
IF
T

seed      

accretion 
shaping spin 

during the 
e-folding 

increase of the 
mass

mergers 
doubling mass 

changing the spin

spin & mass key 
tracers of black 
hole evolution

Volonteri 2010, 
Amaro Seoane + 2014, Latif & Ferrara 2016, Valiante+ 2017, Colpi & Sesana 2017

hierarchical assembly of galaxies

high redshift dark matter halos of 10 8 M☉ 



•can we discover seeds and witness their 
evolution?

GW ASTRO-PHYSICS 
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• do stellar black hole merge when in binaries? 

• do massive black holes merge when galaxies merge?

GW ASTRO-PHYSICS 

•binary formation & delay times (dynamics) 



•to become “detectable”sources of gravitational waves, black 
holes must pair and form “tight” binaries 

•coalescence times lees the then Hubble time
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•short delays enable the exploration of the high z sources

•“delay time”- time  between moment of formation of the 
binary  (cosmic redshift) and the time of coalescence  
(local concept) depending on “a”at formation of the 
binary



• time to coalescence of 0.2 Gyrs (seeds)
105 M�

a� ⇠ 1.5⇥ 104 RG ⇠ 30AU

60M�

a� ⇠ 47R�

• time to coalescence of 10 Gyrs *GW150914

a� ⇠ 10�3pc

• time to coalescence of 1 Gyrs (massive black holes)

106 M�

MBH dynamics: binary formation 5

Figure 3. Face–on gas density map for run ‘ThFBl’ at time
t = 2.1 Myr (i.e., when the star formation rate is maximum,
see Fig. 2). The gas shocked after the first disc collision frag-
ments into a large number of small clumps which very rapidly
convert gas into new stellar mass. The black dots correspond to
the positions of the two MBHs.

clump distance when the transient binary system forms is
⇠ 10 � 20 pc, which is always resolved with a number of
cells ⇠> 10, thanks to the refinement prescription described
in Lupi, Haardt & Dotti (2015), allowing us to accurately
resolve the BH–clump close interaction.

In the case of run ‘ThFBh’, because of the relatively
higher density threshold for SF, a slightly larger number of
more massive clumps forms, resulting in the more disturbed
orbits (and faster decay) seen in Fig. 1.

We have then compared the above analysis regarding
the MBH dynamics with runs employing the aforementioned
blast wave–like feedback from SNe (BWFB–like runs). As
discussed before, this feedback implementation aims at de-
scribing non–thermal processes in the aftermath of SNa ex-
plosions. We find that the dynamical evolution of the MBHs
is largely independent upon the details of the SNa feed-
back employed, making MBH dynamics results fairly robust
against the di↵erent implementations of sub–grid physics.

3.2 Gas dynamics

We discuss here the dynamics of the gas during the merger
event. We focus on the case with the low–density threshold
for SF (run ‘ThFBl’), keeping in mind that the higher den-
sity case produces a qualitatively and quantitatively similar
outcome.

Fig. 6 shows the gas distribution around the MBHB af-
ter t = 11 Myr. On large scale (left–hand panel), the relic
disc resulting from the collision of the progenitor discs is al-
most totally disrupted because of SNa feedback. This resid-
ual structure is counter–rotating relative to the MBHB or-
bit. On scales of the order of few pc (right–hand panel), the
gas which has not been converted into stellar particles set-
tles in a circumbinary disc, with a total mass of few 105 M�.
The small disc corotates with the MBHB thanks to the drag-
ging of gas by the MBHs during their inspiral towards the
centre. Note that this implies that the angular momentum

Figure 4. Total mass in clumps for run ‘ThFBl’. The red dia-
monds correspond to the times at which we computed the clump
mass distribution shown in Fig. 5.

of the residual gas changed sign during the evolution of the
system.

We report in Fig. 7 the evolution of the modulus of
MBH orbital angular momentum and compared it to the
modulus of the total angular momentum of the gas which
is the closest to the MBHs in the simulation, defined as
the gas within a sphere of radius equal to 0.5 times the
MBH separation. We observe that at the beginning of the
simulation the angular momentum of the gas is larger than
that of the MBHs, and we remind that the gas is counter–
rotating. After ⇠> 4 Myr, the angular momentum associated
with the MBH orbit exceeds that of the gas and in principle
there are the conditions for a change in the sign of the gas
angular momentum, being dragged by the MBHs. The gas
angular momentum actually changes sign after ⇠ 9 Myr,
when the MBH separation is ⇠ 45 pc. At this evolutionary
stage, a large fraction (⇠> 90%) of the initial gas mass is
already converted in stellar particles. After ' 10 Myr, when
SNe start to explode, the released energy is radiated away
by the small amount of residual gas, which is however unable
to form further stellar mass at a comparable rate. In other
words, star formation is not halted by SNa feedback, rather
by gas consumption.

Concerning the impact of blast wave feedback (BWFB–
type runs), as expected it does not alter the gas dynamics
for a time ⇠ �tSN (at that point the two MBHs have already
reached the centre of the system). After that time, the al-
most simultaneous SNa events release a fairly large amount
of energy which heats the gas up but is not radiated away.
The net result is that the remaining gas is pushed at very
large distances from the MBHB (up to ⇠ 500 pc) by the
increased pressure. The MBHB lives then in a very low–
density environment, and no circumbinary disc is formed on
any scale.

3.3 Prompt SNa explosions

Both the MBH and gas dynamics are una↵ected by feedback
for the first 10 Myr as this is the assumed lifetime of massive
stars (and hence for the onset of SNa feedback). To test

c� 2015 RAS, MNRAS 000, 1–11



•major mergers 



• need of non-GW processes driving the binary into 
the GW-domain
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SMBH Coalescence in Cosmological Galaxy Mergers 3

Figure 1. Group environment of the galaxy merger. The left panel shows a mock UVJ map of the galaxy group at z = 3.6. The white
circle marks the virial radius of the group halo, while the green circles mark the merging galaxies. The upper-right and lower-right panels
show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.

Figure 2. From left to right: time evolution of the galaxy merger after the beginning of the re-sampled, higher-resolution simulation.
Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

Khan, Mayer, Fiacconi+ 2016
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show a zoom-in on the central galaxy of the group and the interacting companion, respectively. Lengths are in physical coordinates.
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Each panel shows a mock UVJ photometric image of the merger, and the red and blue dots mark the position of the primary and secondary
BH, respectively. Lengths are in physical coordinates.

to them. The orbital decay is governed by dynamical
friction of the stellar cusps against the stellar, gas and
dark matter background originating from the merger of
the two hosts.
During the final stage of the merger (i.e. at t ≈ 20 Myr

after the particle splitting) the merger remnant is gas
poor (gas fraction ∼ 5%) owing to gas consumption by
SF. Stars dominate the enclosed mass out to ∼ 3 kpc
and provide the dominant contribution to the dynamical
friction exerted by the background. Figure 4 shows the
mass distribution of the individual components when the
separation of the two SMBHs reaches about 300 pc, i.e.
≈ 21.5 Myr after the particle splitting. The stellar mass

is almost 2 orders of magnitude larger than the gas one
over all spatial scales except in the central 10 pc, where
the difference is about a factor of 20.
Then, we extract a spherical region of 5 kpc at t ∼

21.5 Myr after particle splitting around the more massive
SMBH to initialize a direct N -body simulation contain-
ing in total ∼ 6 × 106 particles. We treat the remaining
gas particles in the selected volume as stars, since they
are sub-dominant in mass. Almost the entire stellar mass
is within 5 kpc, so an artificial cut-off at 5 kpc shall not
introduce significant changes in stellar mass profile in the
inner region for follow up evolution. However, at trun-
cation separation, the dark matter has a steeply rising

• first “ab initio” simulation of 
two galaxies ending with the 
coalescence of the 100 million-
sun black holes  

• Argo cosmological simulation  

• galaxy group @ z=3.5 

• identification of the two main 
spirals undergoing a major 
merger 

• gas fractions of 10% or less 
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Figure 3. Left panel: time evolution of the separation between the SMBHs. Blue-solid, red-dashed, and green-dotted lines show the
evolution during the hydrodynamical, re-sampled simulation of the merger, the direct N-body calculation, and after having introduced
post-Newtonian corrections, respectively. Thin and light versions of the same lines refer to the continuation of the respective simulations.
The horizontal dotted line marks the gravitational softening of the hydrodynamical simulation. Central panel: radial profiles of the ratio
b/a (red) and c/a (blue) between the principal axes of the moment of inertia tensor (c ≤ b ≤ a) at different times: 23.3 Myr (solid),
25.3 Myr (dashed), and 29.3 Myr (dotted). Right panel: probability density function of the radial distance from the center of the merger
remnant for the stellar particles that have interacted with the central binary across 26-24.4 Myr (blue, solid), 27.5-26 Myr (red, dashed),
29.1-27.5 Myr (green, dot-dashed), and 30.6-29.1 Myr (magenta, dotted).

mass profile; we compare it with a later snapshot during
the N -body evolution at t ≈ 30 Myr. We do not observe
a noticeable evolution from outer to inner region.
We further evolve the selected region using the high-

performance φ-GPU code (Berczik et al. 2011). At the
end of our previous galaxy merger simulation, stellar and
gas particles have a softening of 5 pc and dark matter
particles have a softening of 150 pc. We start our di-
rect N -body run by decreasing the stellar softening to
0.1 pc while keeping the dark matter particles soften-
ing unchanged to avoid two-body relaxation effects as
the latter have a relatively large mass. Figure 4 shows
that the mass of the dark matter component does not
increase in the central region during the whole evolution
period. The softening parameter for the force calcula-
tion between the two black holes is set to 0. In order to
calculate the softening between different particle species
we employ the following criterion:

ϵ2ij = (ϵ2i + ϵ2j)/2, (1)

where ϵ• = 0 for both black holes, ϵ⋆ = 0.1 pc for stars
and ϵdm = 125 pc for dark matter particles. In star-
black hole interactions we further reduce the softening
to 0.007 pc, which is smaller than the semi-major axis of
the binary when the gravitational wave emission domi-
nates (Figure 3, left panel). In order to take into account
energy loss by gravitational wave emission, we incorpo-
rate post-newtonian terms up to 3.5 in the equation of
motion of the binary SMBHs (Blanchet 2006).
Dynamical friction efficiently shrinks the separation

between the two SMBHs and they form a binary once
individual cusps merge at t ∼ 23.5 Myr. The separa-
tion drops rapidly to ∼ 0.3 pc in less than 1 Myr, owing
to the high nuclear density, until the binary gets hard
and dynamical friction becomes inefficient. The subse-
quent phase of the decay is dominated by three-body en-
counters between the binary and the surrounding stars.
This phase is the longest, taking ≈ 8 Myr before the
separation decreases to ∼ 0.01 pc, at which point GW
emission takes over and brings the SMBHs to rapid co-
alescence in 2 Myr (Figure 3). Figure 3 also shows that

post-Newtonian terms are crucial for the sinking of the
binary already at a separation of ! 0.03 pc. The or-
bital decay rate in the post-Newtonian phase is in rough
agreement with simple semi-analytical predictions based
on orbit-averaged expressions (Peters & Mathews 1963),
which do not take into account the contributions from
higher order terms.
We define the coalescence time, and stop the simula-

tions, when the separation is < 4(rs,1+rs,2), where rs,j is
the Schwarzschild radius of the j-th BH, as following the
evolution further would require a fully relativistic treat-
ment. The coalescence, counting from the merger of the
two cusps at t ∼ 23.5 Myr, takes less than 10 Myr, which
is roughly two orders of magnitude faster than previ-
ous decay time estimates inferred for non-cosmological,
purely stellar hosts (when rescaled to nearby galaxies)
(Khan et al. 2012b, 2013). The preceding large-scale ap-
proach and merger of the two galaxies lasts ∼ 200 Myr,
so that the overall process is completed in significantly
less than the lookback time at z ∼ 3.5.
The shape of the merger remnant over time is shown in

the central panel of Figure 3. It was obtained by measur-
ing the moments of inertia tensor of a homogeneous el-
lipsoid. The remnant is clearly triaxial at all times. The
right panel of Figure 3 shows the distribution of the mean
radial distances of the stars that contribute to the change
in the binding energy of the binary at different times.
Those have been identified statistically as the stars that
undergo large specific total energy change between two
subsequent snapshots, ∆E/m⋆ > (1405 km s−1)2. This
absolute threshold depends on the binary properties only,
∆E/m⋆ ≈ G µ• C a−1, where µ• is the binary reduced
mass, a is the binary separation, and C ≈ 2, as inferred
from three-body encounter simulations (Hills 1983; Quin-
lan 1996). This criterion allows us to select only the stars
involved in encounters with the SMBH binary, because
the energy changes due to the large scale evolution of the
system and to two-body encounters with other stars and
dark matter particles are small compared to the adopted
threshold. Most of those stars come from 10-100 pc,
which is at quite far from the BH binary sitting at the

Khan, Mayer, Ficconi+2016

• dynamical friction by stars (and gas in the early stages) controls the 
dynamics of the two black holes all the way down to the hardening phase 

• the binary hardens by slingshot in a triaxial potential

• gas inflows in the inner 500 pc from cosmological streams  are conducive 
to  intense bursts of star formation around the two black holes 

• the black holes are surrounded by  a stellar cusp which enhances their 
“effective mass”



• black hole dynamics in massive circum-nuclear discs 
• formation of massive clumps - stochastic dynamics 
• spread in the delay times
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•very massive large scale gas disc simulating disc galaxies @ high z with 
M(disc)=10 billion suns and gas fraction of 0.5: phase of violent disc 
instability 

•including black hole accretion and AGN feedback the delay and off-
plane scattering can be even more significant8 Tamburello et al.

−3 −2 −1 0 1 2 3

x [kpc]

−3

−2

−1

0

1

2

3

y
 [

kp
c]

−3 −2 −1 0 1 2 3

x [kpc]

−3

−2

−1

0

1

2

3

y
 [

kp
c]

4.8

5.4

6.0

6.6

7.2

7.8

8.4

9.0

9.6

lo
g 1

0
M

⊙
k
p
c−

2

−4 −3 −2 −1 0 1 2 3 4

x [kpc]

−4

−3

−2

−1

0

1

2

3

4

y
 [

kp
c]

−4 −3 −2 −1 0 1 2 3 4

x [kpc]

−4

−3

−2

−1

0

1

2

3

4
y
 [

kp
c]

4.8

5.4

6.0

6.6

7.2

7.8

8.4

9.0

9.6

lo
g 1

0
M

⊙
k
p
c−

2

Figure 5. Surface density maps, face-on and edge-on, for the control model (top panels) at 42 Myr and the clumpy model (bottom
panels) at 345 Myr, with BH accretion, feedback, zero eccentricity and α = 10. Times are chosen to show the maximum separation of
the secondary BH from the midplane in the first 400 Myr. In the control model, the secondary BH is always close to the midplane (the
maximum distance in z-axis is much lower than ∼ 500 pc), because the clumps are small, disappear in the first ∼ 100 Myr and do not
affect BH dynamics. In the clumpy model, the secondary BH can exceed 1 kpc from the midplane and reach hotter and less dense regions
due to clump interactions.

that the mass accretion rates for the central BH are gener-
ally lower than in our case: indeed in their simulations the
BH accretion rate is generally 10−5 M⊙ yr−1, whereas we
find ∼ 10−1 M⊙ yr−1 in the control case and ∼ 1 M⊙ yr−1 in
the clumpy case. The substantial difference is that they have
peaks that reach the Eddington rate, whereas we do not. We
can compare our control and clumpy runs with standard BH
accretion and feedback to their models M16f10 and M4f50,
respectively. This behaviour has likely two reasons: first of
all, in Gabor & Bournaud (2013), the aim was studying the
BH growth in a clumpy medium, so they have only one cen-
tral BH, into which all the produced clumps can accrete,
while we have also the second BH that perturbs the medium
and can accrete clumps as well. The massive perturber is
very important in the control case, where gravity is not dom-
inant like in the clumpy case, and indeed our galaxy has spi-
ral arms also in the central part and a higher inflow, whereas
the model M16f10 of Gabor & Bournaud (2013) does not:
the gas density map is quite smooth (see their Figure 1,
bottom-left panel), except for some clumps in the outer

part, maybe due a different relaxation phase of the disc or
to the short simulation time. Moreover, Gabor & Bournaud
(2013) have BHs ten time less massive than in our mod-
els (and therefore a lower Eddington mass accretion rate),
which could explain the observed peaks at Eddington rates
in their mass accretion rates.

3.3 Limits of the isolated simulations; the

“asymptotic” decay time-scale

In our initial conditions, the disc scale height is 0.05Rd,
where Rd ∼ 2 kpc. During the simulations, the vertical disc
extent remains below 1 kpc, even during the vigorous frag-
mentation phase of the clumpy disc model (see Figure 5,
edge-on views). This implies that, when the secondary BH
is ejected out of the disc plane, the drag by dynamical fric-
tion drops dramatically, and the orbital decay is correspond-
ingly suppressed. As a result, a close BH pair never forms
in most of the clumpy-disc runs. However, by construction
our galaxy models lack an extended dense spheroidal com-
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Figure 5. Surface density maps, face-on and edge-on, for the control model (top panels) at 42 Myr and the clumpy model (bottom
panels) at 345 Myr, with BH accretion, feedback, zero eccentricity and α = 10. Times are chosen to show the maximum separation of
the secondary BH from the midplane in the first 400 Myr. In the control model, the secondary BH is always close to the midplane (the
maximum distance in z-axis is much lower than ∼ 500 pc), because the clumps are small, disappear in the first ∼ 100 Myr and do not
affect BH dynamics. In the clumpy model, the secondary BH can exceed 1 kpc from the midplane and reach hotter and less dense regions
due to clump interactions.

that the mass accretion rates for the central BH are gener-
ally lower than in our case: indeed in their simulations the
BH accretion rate is generally 10−5 M⊙ yr−1, whereas we
find ∼ 10−1 M⊙ yr−1 in the control case and ∼ 1 M⊙ yr−1 in
the clumpy case. The substantial difference is that they have
peaks that reach the Eddington rate, whereas we do not. We
can compare our control and clumpy runs with standard BH
accretion and feedback to their models M16f10 and M4f50,
respectively. This behaviour has likely two reasons: first of
all, in Gabor & Bournaud (2013), the aim was studying the
BH growth in a clumpy medium, so they have only one cen-
tral BH, into which all the produced clumps can accrete,
while we have also the second BH that perturbs the medium
and can accrete clumps as well. The massive perturber is
very important in the control case, where gravity is not dom-
inant like in the clumpy case, and indeed our galaxy has spi-
ral arms also in the central part and a higher inflow, whereas
the model M16f10 of Gabor & Bournaud (2013) does not:
the gas density map is quite smooth (see their Figure 1,
bottom-left panel), except for some clumps in the outer

part, maybe due a different relaxation phase of the disc or
to the short simulation time. Moreover, Gabor & Bournaud
(2013) have BHs ten time less massive than in our mod-
els (and therefore a lower Eddington mass accretion rate),
which could explain the observed peaks at Eddington rates
in their mass accretion rates.

3.3 Limits of the isolated simulations; the

“asymptotic” decay time-scale

In our initial conditions, the disc scale height is 0.05Rd,
where Rd ∼ 2 kpc. During the simulations, the vertical disc
extent remains below 1 kpc, even during the vigorous frag-
mentation phase of the clumpy disc model (see Figure 5,
edge-on views). This implies that, when the secondary BH
is ejected out of the disc plane, the drag by dynamical fric-
tion drops dramatically, and the orbital decay is correspond-
ingly suppressed. As a result, a close BH pair never forms
in most of the clumpy-disc runs. However, by construction
our galaxy models lack an extended dense spheroidal com-
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• delays/dynamics/failures (wandering) in forming a hard 
binary  change the estimates of the rates and shape the 
mass spectrum 8

FIG. 3. Predicted merger rates per unit redshift (left panel) and per unit total redshifted mass Mz = (m1 +m2)(1 + z) (right
panel) for the three models described in the text.

(cf. Sec. III A). Note however that setting Qc = 2
only decreases the merger rates by a factor ⇠ 2.
As in the case of the popIII model, the inclusion
of delays makes this model more “realistic” (and
conservative).

(3) Model Q3-nod: This is the same as model Q3-
d, but without accounting for the delays between
galaxy and MBH mergers. For this reason, this
model should be considered an “optimistic” (upper
bound) scenario for eLISA event rates.

For each of the three models above we simulate about
1300 galaxies/galaxy clusters, with dark-matter masses
ranging from 1010M� to 1016M�. By tracking self-
consistently the mass and spin evolution of MBHs and
their interaction (e.g. via feedback and accretion) with
the galactic host, our model allows us to predict the
masses, spin magnitudes and spin orientations of the
MBHs when they form a GW-driven binary system. As
such, while MBHBs often present partially aligned, high
spins in our simulations, systems with low and/or mis-
aligned spins are also possible in the three models listed
above

The merger rates for popIII models are rather insensi-
tive to the inclusion of delays, but this is not true for the
heavy-seed models. This is illustrated in Fig. 3, which
shows the predicted MBH merger rates as a function of
mass and redshift in the three models considered above.
Note that while the popIII and Q3-nod models predict a
high merger rate up to z > 15, very few or no events at
z > 10 are expected in the Q3-d model.

The di↵erence in merger rates among the various seed
models is due to two factors. First, di↵erent models have

di↵erent mass functions and occupation numbers at high
z. Second, whether a MBHB stalls or merges depends
on the details of its interactions with the stars, nuclear
gas, and other MBHs, which depend critically on the
MBH masses (cf. [59] for more details on our assump-
tions regarding these interactions). The di↵erent MBH
mass functions at high redshifts in the light- and heavy-
seed models imply that many more binaries can “stall” at
high redshifts in the heavy-seed scenarios. Nevertheless,
since our treatment of the delays is quite simplified (in
particular when it comes to modeling triple MBH sys-
tems and the interaction with nuclear gas), models Q3-d
and Q3-nod can be thought of as bracketing the possible
range of merger rates.

D. Population completeness

Because our models follow the coevolution of MBHs
with galaxies including both their dark-matter and bary-
onic constituents (cf. Fig. 2), at fixed resolution for the
dark-matter merger trees our simulations become com-
putationally expensive for high redshifts and very mas-
sive galaxies. For galaxies with dark-matter halo masses
MH > 1013M� at z = 0, we find that it becomes di�-
cult to resolve the halos where MBHs form at high red-
shifts within acceptable computational times. Therefore
it is possible that we may “miss” merging binaries at
high redshift, when simulating the most massive halos at
z = 0.
We quantify this e↵ect in Figure 4, which shows the

number of MBH mergers as a function of halo mass. The
linear trend seen at MH < 1013M� is easily explained.

y-axis: merger 
rate per unit time 

and redshift

redshift
BH masses

Klein+ 2016

heavy seeds



•Which avenues for the formation of massive black 
holes?  supermassive stars? stars? 

•which dynamics for pairs of seed black holes in the 
high redshift universe? is it dominated by dark 
matter, gas or stars? 

•can we predict the spin distribution of seeds and 
their mass and mass-ratio distribution? 

•which is the time delay distribution of seed black 
holes and of massive black holes merging during 
galaxy collisions? 

•can IMBHs form at low redshifts and give rise to 
intermediate mass ratio inspirals? 

•which are the effects of feedback on the dynamics 
of massive black holes in merging galaxies? 

•which are the rates?

Black Hole Genesis  - Growth


